We study the evolution of magnetic fields in an expanding plasma composed of relativistic and non-relativistic particles. We derive the dispersion relations for the propagating MHD modes-fast and slow magnetosonic, sonic, and Alfvén waves-in the presence of viscosity and heat conductivity. We find that all four modes are damped on scales up to the particle diffusion length. The calculated dispersion relations and damping scales can be applied to any viscous plasma in which the pressure is dominated by relativistic particles.
Introduction
In an attempt to explain the origin of galactic magnetic fields through the amplification of primordial fields, several authors have considered scenarios for generating magnetic fields in the early universe (Harrison 1970; Harrison 1973; Hogan 1983; Turner & Widrow 1988; Quashnock, Loeb, & Spergel, 1989; Vaschaspati 1991; Brandenberger et. al 1992; Garretson, Field, & Carroll 1992; Ratra 1992a,b; Dolgov 1993; Dolgov & Silk 1993; Cheng & Olinto 1994; Enqvist & Olensen 1994; Martin & Davis 1995; Kibble & Vilenkin 1995; Gasperini, Giovannini, & Veneziano 1995; Lemoine & Lemoine 1995; Baym, Bödecker, & McLerran 1996) . In these scenarios, one attempts to generate fields sufficiently large to at least seed galactic dynamos and at best produce galactic fields without dynamo amplification. Once a primordial field is generated, it is generally assumed that the field is frozen into the cosmic plasma and, by flux conservation, redshifts with the expansion of the universe, B ∝ a −2 , where a(t) is the cosmic scale factor. This assumption is usually justified by noting that the cosmological plasma is highly conductive and magnetic diffusion is insignificant.
In this paper, we show that this simple picture of magnetic field evolution is incorrect: at certain epochs in the early universe, namely, during neutrino and photon decoupling, fluid viscosity and heat conductivity efficiently damp all propagating magneto-hydrodynamic (MHD) modes and convert magnetic energy into heat. The net result of these viscous epochs is that cosmological magnetic fields generated prior to recombination have little structure on scales below the Silk mass and that the magnetic energy density in such primordial fields is much smaller than that expected from the simple redshift argument above.
To show how viscous damping affects MHD modes, we develop a relativistic description of viscous fluids in an expanding universe with magnetic fields. We derive the dispersion relations for all MHD modes (fast and slow magnetosonic, sonic, and Alfvén waves), assuming an infinitely conducting plasma with fluid viscosity and heat conductivity. (For MHD modes in the early universe without viscosity and heat conductivity, see e.g. Gailis, Frankel, & Dettmann 1995 and references therein.) We include the energy density of radiation (photons, neutrinos, e ± -pairs, etc.) and non-relativistic matter and assume that radiation and matter components are well coupled. We further assume that the pressure is dominated by radiation pressure. We solve for the propagating modes and show that all modes are damped on the particle diffusion length scale.
Our results may be applied to most astrophysical environments where MHD waves propagate in a viscous medium. In the early universe, the main sources of viscosity and heat conductivity are due to the decoupling of neutrinos and photons. The damping of sound waves by photons around the epoch of recombination, known as Silk damping, has been investigated extensively (Silk 1968; Weinberg 1971; Peebles & Yu 1970; Press & Vishniac 1980; Efsthathiou & Silk 1983; Jones & Wyse 1983) while the damping of sound waves due to neutrino diffusion was discussed by Misner 1968. It has also been shown that neutrino heat conduction may efficiently damp entropy-per-baryon fluctuations in the early universe (Heckler & Hogan 1993; Jedamzik & Fuller 1994) . In this paper we find that photons and neutrinos are efficient at damping not only sound waves but all MHD waves.
Neutrino diffusion damps all modes on mass scales inside the horizon mass at the time of neutrino decoupling, M dν ≈ 10 −3 M ⊙ . Although the neutrino damping scale is much smaller than that due to photon damping, this earlier damping helps to ensure that the post-damping magnetic field energy is too small to significantly affect the abundance yields from Big Bang Nucleosynthesis (Greenstein 1969; Matese & O'Connell 1970; Cheng, Schramm, & Truran 1994; Grasso & Rubinstein 1995; Kernan, Starkman, & Vachaspati 1995; Cheng et. al 1996; Grasso & Rubinstein 1996) .
When following MHD waves through recombination, we find efficient damping of modes on scales below the Silk mass, M dγ ≃ 10 13 M ⊙ . The corresponding loss of magnetic energy density adds further difficulties to the already non-trivial task of generating primordial magnetic fields strong enough to explain galactic fields without the aid of dynamo amplification. The Silk mass scale also provides a general ultraviolet cutoff for primordial magnetic fields which strongly limits the ability of magnetic fields to form structure on the scale of galaxies (Wasserman 1978; Kim, Olinto & Rosner 1996) .
The outline of our paper is as follows: In §2 we develop the equations of magnetohydrodynamics in an expanding viscous fluid composed of relativistic and non-relativistic particles and derive the dispersion relations for MHD modes. In our derivation, the sources of viscosity and heat conductivity are unspecified, so the resulting dispersion relations can be applied to different astrophysical systems. In §3, we calculate the damping of MHD modes in the early universe due to neutrino and photon decoupling. Finally, we discuss the implications of our results in §4.
Damping of Magnetohydrodynamic Waves
In this section, we derive the MHD equations in an expanding viscous fluid in order to study the damping of MHD modes. We start by reviewing the equations for a dissipative relativistic fluid without the electromagnetic contributions in §2.1 (see, e.g., Weinberg 1972) . In §2.2, we add the electromagnetic contributions to the fluid equations and, in §2.3, we derive the dispersion relations for all MHD modes. Our results are applicable for general viscous relativistic and non-relativistic plasmas, as long as the pressure is dominated by radiation pressure. In §3., we focus on the case of photon and neutrino decoupling as the relevant sources of viscosity and heat conductivity in the early universe.
Throughout this paper, we implicitly assume that the fluid approximation is valid, i.e., that the mean free path of particles, l, is much smaller than the characteristic scale of the wave, l ≪ λ.
Although damping may still occur in the limit where certain particles are free-streaming on the scale of the waves (l > ∼ λ), we do not treat this case here (see, e.g., Jedamzik & Fuller 1994) . In §3,
where we consider the damping of cosmic MHD waves, we discuss the applicability and limitations of this assumption in the context of the early universe.
We assume that the magnetic field can be decomposed into a large-amplitude background component B 0 (x, t), plus a small-amplitude perturbation, b(x, t), that describes the propagating MHD modes. We further assume that the curl of the background component is negligible when compared to the curl of the perturbations. This assumption together with the small-amplitude requirement, B 0 (x, t) ≫ b(x, t), allow us to solve for the damping analytically. The resulting modes of propagation are then ordinary sonic waves, slow-and fast-magnetosonic waves, and Alfvén waves.
Our equations are derived for an isotropically, homogeneously, and adiabatically expanding plasma. The equations of MHD in a static plasma are easily recovered. The assumption of isotropic expansion requires that the background magnetic field, B 0 , has vanishing spatial average on sufficiently large scales, B 0 = 0. When using the scalar viscosity and heat conductivity, we implicitly neglect any anisotropies in these quantities due to the presence of the magnetic field.
We also neglect local gravitational forces either due to the presence of a compact object or due to the self-gravity of perturbations (i.e. we study sub-Jeans mass scales). Finally, we assume that the plasma conductivity is very large, σ → ∞, an excellent approximation for most astrophysical plasmas. For the early universe, the effects of finite conductivity may be neglected (see, e.g.,
Cheng & Olinto 1994).
Relativistic Imperfect Fluids
We consider the evolution of a non-ideal, relativistic fluid in a homogeneously and isotropically expanding background. Working in comoving coordinates x µ , we focus on the spatially flat Robertson-Walker metric g µν = diag(1, −a 2 , −a 2 , −a 2 ). The time dependent scale factor a(t)
provides the connection between proper (physical) coordinates x ′ µ and the comoving coordinates:
Throughout the paper we use the convention that Greek indices run from 0 to 3 whereas Latin indices run from 1 to 3.
We describe the relativistic fluid by the energy-momentum tensor
which is separated into three parts: the ideal fluid tensor T µν I , the non-ideal fluid part τ µν , which accounts for dissipation, and the electromagnetic energy-momentum tensor T µν EM . The fluid dynamics equations can be derived from energy-momentum conservation
where a semicolon denotes a covariant derivative. In comoving coordinates Eq. 2 becomes
and
where the dot denotes a derivative with respect to time x 0 .
First, we derive the equations of motion in the absence of electromagnetic fields. The energy-momentum tensor for an ideal fluid is
where ρ, p, and U µ are the total energy density, the total pressure, and the four velocity of the fluid, respectively. The non-ideal contributions to the fluid energy-momentum tensor can be written as (Weinberg 1972 )
In this expression, T stands for temperature and η, ξ, and κ are shear viscosity, bulk viscosity, and heat conductivity, respectively.
The exact form of τ µν is partially a matter of definition since, in relativistic fluid mechanics, the fluid velocity can be defined either by the flow of conserved particles (Weinberg 1972) or by the flow of energy (Landau & Lifshitz 1975) . These definitions coincide in non-relativistic fluid mechanics where the rest mass of particles dominates the total energy. In our case, a relativistic one-fluid approximation, the charged and strongly interacting particles (protons, neutrons, electrons, etc.) which compose the fluid are all perfectly coupled and have the same velocity as the conserved particle number, the baryon number. The energy flow may differ from the particle flow, however, due to the energy transported by the imperfectly coupled neutrinos and photons. We choose to follow the velocity of the charged particles (and, therefore, the flow of baryon number) which appears explicitly in the magneto-hydrodynamic equations below.
The conservation of particle number can be written as
where n µ = nU µ is the particle number four current with n the proper number density of particles.
The particle number we follow is the net baryon number, n b , which is conserved for temperatures below the electroweak transition.
We can now derive the linearized equations of ordinary relativistic fluid dynamics in an expanding universe from Eq. 2 -7, by expanding the fluid variables around their background
The four velocity is that of a stationary fluid element (with respect to the comoving frame) plus a small velocity perturbation
We choose U µ 1 in this particular form so that the fluid velocity in proper coordinates,
corresponds to an isotropic expansion plus an additional peculiar velocity v. We consider fluids in which the peculiar velocities are much smaller than the speed of light. Although the fluid velocities are small, a relativistic treatment is necessary to adequately account for the presence of relativistic particles (e.g., photons and neutrinos).
Evaluating equations 2 and 7 to lowest order in the fluid variables, we obtain
which represents conservation of entropy when ξ = 0, and
conservation of baryon number. If we expand the energy momentum tensor and baryon number four-current to first order in the perturbation variables U µ 1 , ρ 1 , p 1 , T 1 , and n b 1 , use Eq. 3-4, and subtract the zeroth order solution, we obtain
These equations form a complete set describing the evolution of a non-ideal fluid; Eq. 16
represents the first law of thermodynamics in local form, Eq. 17 is the relativistic version of Euler's equation, and Eq. 18 represents the conservation of baryon number.
Magneto-Hydrodynamics with Dissipation
We now include the electromagnetic fields. In an inertial frame (denoted by an overhat) the Maxwell tensor has the formF
-10 -where E i and B i are the electric and magnetic fields as seen by an observer in the inertial frame.
The Maxwell tensor in comoving coordinates (x µ ) can be derived from the Maxwell tensor in inertial coordinates (x µ ) by using the transformation rules for tensors
where
The coordinate transformation which transforms the locally Minkowski metriĉ
Thus, in the comoving basis F µν is
The equations of motion for the electromagnetic fields are Maxwell's equations
where J µ is the electric four current.
In the limit of infinite electrical conductivity, the electric field in the rest frame of the charged particles vanishes
This condition, evaluated in the comoving frame using equations 13 and 23, reads
We decompose the magnetic field into its background value, B 0 , and a small-amplitude
and impose the following conditions
to linearize our equations. We can now derive the relevant Maxwell's equations to zeroth and first order in the small quantities v and b by using Eq. 23, 25, and 27. This yields
Equation 33 shows that the background field B 0 , by flux conservation, redshifts as 1/a 2 with the expansion of the fluid.
To complete the system of equations needed to describe the evolution of the fluid in the presence of electromagnetic fields, we must add the contribution from the electromagnetic energy-momentum tensor T µν EM to the conservation of energy-momentum Eqs. 3 and 4. The energy-momentum tensor for electromagnetism is
which in comoving coordinates becomes
with
We can now evaluate the contributions from the electromagnetic stresses to the conservation of entropy Eq. 14, the first law of thermodynamics in local form Eq. 16, and the relativistic version of Euler's equation Eq. 17. The contribution to the left-hand-side of the zeroth order Eq. 14 is
while to first order in v and b, the electromagnetic stresses to be added to the left-hand-sides of Eqs. 16 and 17 are 1 4π
for Eq. 16, and 1 4πa 4
for Eq. 17. After substituting Maxwell's equations (Eq. 31-33) into Eq. 38, we find that the electromagnetic contribution to Eq. 16 is zero. Similarly, Eq. 37 is identical to zero by virtue of Eq. 33 so that both Eq. 14 and 16 are unmodified. The only coupling between the field and the fluid to first order occurs through the velocity of charged particles and the curl of the magnetic field.
Note that the first term of Eq. 39 is only important in the relativistic limit. For a mode with frequency ω and wavenumber k, Eq. 32 implies ωb ∼ kvB. Therefore, the relative contribution of the first term in Eq. 39 compared to the second term is of order (ω/k) 2 . Hence, the first term can only be neglected when the group velocity of a mode, ∂ω/∂k ≈ ω/k, is much smaller than the speed of light.
To first order in the quantities T 1 , ρ 1 , p 1 , v, b, equations 16, 18, 31-33, together with the equation obtained by adding Eq. 39 to the left-hand-side of Eq. 17 describe magnetohydrodynamics in an expanding fluid. The following definitions help to rewrite our equations into a more convenient form
where ρ r = gπ 2 T 4 0 /30 and p r = ρ r /3 are the average energy density and pressure of relativistic particles, and g is the total statistical weight of relativistic particles.
For a fluid comprised of baryons and relativistic particles (e.g., photons, neutrinos, e ± -pairs, etc.), the energy density and pressure up to first order in the small quantities are given by
where the baryon energy density is ρ b = n b m N , with m N the nucleon rest mass. In writing Eq. 44, we assume that baryonic pressure is negligible in comparison to radiation pressure. Only in this case, and when ξ = 0, Eq. 14 and Eq. 15 imply simple redshift relations for the temperature T 0 ∼ 1/a and the baryon number density n b 0 ∼ 1/a 3 . We also define
as a measure of the relative importance of baryon mass density with respect to energy density in relativistic particles. For α → 0, both energy density and pressure are dominated by relativistic particles, whereas for α ≫ 1 the energy density is dominated by the baryon rest mass and the pressure is dominated by radiation.
In terms of the newly defined variables, the equations of magneto-hydrodynamics becomė
Dispersion Relations for MHD Modes
In order to determine the dispersion relations for different hydromagnetic modes, we Fourier transform all perturbative variables (δ, b, and v, generically represented by Φ below), using the convention
where k is a constant comoving wave vector.
The expansion of the fluid introduces a time variation in the frequency of the oscillatory modes; therefore, the time dependence of Φ(k, t) is not simply exp(iωt) for a constant ω. Rather, it is convenient to write
where Φ k is a time independent Fourier amplitude. When Eq. 52 is substituted into Eqs. 46-49, the ∂ 2 v/∂t 2 term in Eq. 47 becomes (−ω 2 + ∂ω/∂t)v k . Since we only consider modes with oscillation timescales much shorter than the expansion time scale, we can use the WKB approximation and neglect the ∂ω/∂t term when compared to the −ω 2 term. However, we will find below that even within this approximation the expansion of the fluid affects the propagation speed of MHD modes. This procedure yields for sound waves
For Alfvén waves we find
whereas for both types of magnetosonic waves
We write ω in terms of its real oscillatory part, ω 0 , and its imaginary decaying part, ω 1 ; ω = (ω 0 + iω 1 ), and solve for the dispersion relations. For sound waves, to first order in κ ′ , η ′ anḋ a/a, we find
which reproduces the solution of Weinberg (1971) if the expansionȧ/a is neglected and a is set to 1.
The solution for Alfvén waves, again to first order in κ ′ and η ′ , but with the fullȧ/a dependence in ω 0 , is
These solutions show that when the expansion is neglected (ȧ/a = 0) the propagation speed of Alfvén waves in relativistic fluids is v A = B 0 / 4π(ρ r + p r + ρ b ) + B 2 0 , which may be compared with the non-relativistic Alfvén speed v A = B 0 / √ 4πρ. The magnetic contribution to the energy density in the denominator comes from the relativistic term in Eq. 39 and ensures that v A ≤ 1.
Another feature of the solutions worth noting is that although the expansion does not affect the amplitude evolution of the waves when the energy density is dominated by relativistic particles (α → 0), it does lead to a continous decrease in amplitude when the energy density is dominated by non-relativistic particles. Finally, bulk viscosity does not damp Alfvén waves and the contribution to their damping from thermal conductivity is a purely relativistic effect. Although the damping by thermal conductivity is much smaller than viscous damping for small magnetic fields, it may be important when either the shear viscosity is zero or the energy density in the magnetic field is comparable to that in matter or radiation.
There are two magnetosonic solutions, fast and slow, which we obtain to first order inȧ/a
Here the plus sign within the square bracket corresponds to the fast magnetosonic mode, whereas the minus sign corresponds to the slow magnetosonic mode. For weak magnetic fields Eq. 59 may be expanded to second order in B 0 which yields
The imaginary parts of the magnetosonic frequencies, to first order inȧ/a, κ ′ , and η ′ , and to second order in B 0 are
In the above equations, v s is the usual adiabatic sound speed
Eqs. 62-63 show that magnetosonic waves behave differently in different regimes: they damp predominantly by heat conductivity when the matter density is larger than the radiation density and by shear viscosity when the radiation density dominates. We will find in the next section that mode damping by viscosity and heat conductivity, in general, is efficient for modes with wavelength smaller than the particle diffusion length.
The expansion of the fluid also introduces an effective damping of all propagating waves due simply to energy-momentum conservation via theȧ/a terms in Eqs. 57 -63. Unlike the dissipational damping by viscosity and heat conductivity, the damping due to the expansion does not transform the energy density in the waves into heat. In addition to this explicit damping, the expansion of the fluid also affects the propagation velocity and damping rates of waves through the integral in Eq. 52. For example, when the energy density is dominated by radiation, the leading term in the frequency of Alfvén waves has the form ω 0 ≈B 0 k/a ∝ 1/a(t). In the early universe, during the radiation dominated era, the scale factor grows as a(t) ∝ t 1/2 , which makes the MHD waves oscillate as exp[ iω 0 (t) dt] = exp 2iω 0 t, twice as fast as in a non-expanding medium.
Damping of Magnetic Fields in the Early Universe
In this section, we apply the results derived above to the early universe and determine the characteristic scales over which pre-existing cosmic magnetic fields are damped. The damping of hydromagnetic waves is particularly efficient during the epochs of neutrino decoupling and recombination, where viscosity and heat conductivity arise from the finite mean-free path of neutrinos or photons. As a function of the mean-free path, l, the shear and bulk viscosities and the heat conductivity can be written as (Misner & Sharp 1965; Misner 1968; Weinberg 1971 )
In these expressions n is the particle number density of the conserved particles in the fluid. The bulk viscosity ξ is very small compared to η and κT and can be neglected in our case.
During neutrino decoupling the baryonic energy density is much smaller than the radiation energy density (α ≈ 0). However, around recombination α is not negligible and is given by
where Ω b is the fractional contribution of baryons to the closure density and h is the present Hubble constant in units of 100 km s −1 Mpc −1 . In writing Eq. 68, we implicitly assume that neutrinos have decoupled from the remaining particle species.
While the universe cools from temperatures below the electroweak breaking scale (T ∼ 100 GeV) to neutrino decoupling (T ν ∼ MeV), neutrinos are the particles with the longest mean-free-path and are the most efficient heat and momentum transporters. The neutrino mean free path at temperature T can be written as
where n l and n q are the lepton and quark number densities and G 2 F T 2 is a typical weak interaction cross section. The quantities g l and g q are the statistical weights of relativistic weakly interacting leptons and quarks present at the epoch of interest. At neutrino decoupling, T ν ∼ MeV, the dominant scattering process is that of neutrinos off leptons and the appropriate values for the parameters in Eq. 69 are g l = 8.75 (e ± and six neutrino species) and g q = 0.
At temperatures below the completion of the e + e − -annihilation (T ∼ 20 keV), heat and momentum are most efficiently transported by photons. The dominant process limiting teh photon mean free path during this period is Thomson scattering of photons on electrons. The photon mean free path is given by
where X e is the number of free electrons per baryon, σ T is the Thomson cross section, and n e is the electron density. During recombination which occurs approximately at T d γ ≃ 0.25 eV the ionization fraction X e drops from 1 to ∼ 10 −5 .
We can now derive the characteristic damping scales for MHD modes from Eq. 58, Eq. 62, and Eq. 63, using the values above for α, η, κ, l γ , and l ν . Since η ′ ∼ l and κ ′ ∼ l, the imaginary parts of the frequencies give rise to exponential damping of the form
where λ = 2πa/k is the proper wavelength of the MHD mode. Therefore, the characteristic damping scale is of the order of the neutrino or photon diffusion length, d, with
Contrary to the case of sound waves, it is not clear a priori that the appropriate damping scale for MHD waves would be the particle diffusion length. For sound waves, the only reasonable combination of quantities with dimension [1/time], and of first order in the mean free path, is ω ∼ l/λ 2 . However, with the introduction of the magnetic field strength, another quantity with dimensions of [1/time] can be formed, i.e., the combination ω ∼ (l/λ 2 ) ×B 2 0 which, if responsible for damping, would make the effective damping scale for weak magnetic fields (B 0 ≪ 1) much smaller than the diffusion length. Although terms of that form can be found in Eq. 58, Eq. 62, and Eq. 63, the damping is dominated by terms which are independent of B 0 , which results in a damping scale of the order of the photon or the neutrino diffusion length.
We define the damping scale λ d (T ) as the proper wavelength of an MHD mode for which the initial amplitude has been damped by one e-fold when the universe cools from very high temperatures down to temperature T . The damping scale for Alfvén waves for cosmic temperatures 
Here g r is the total statistical weight for relativistic particles. The damping scales for slow and fast magnetosonic waves are very close to that given by Eq. 73. The largest scale damped by neutrino diffusion corresponds to that of the causal horizon at neutrino decoupling, i.e., λ dν (T d ν ≈ 1 MeV)
∼ 5 × 10 10 cm.
In a similar fashion, we can compute the proper damping scale of MHD waves due to the effects of the finite photon mean free path at lower temperatures. During recombination, when α ≃ 3/8, we find that this damping scale is
where Ω 0 is the total density parameter in terms of the critical density at the present epoch. Note that this scale is also given in proper units (as opposed to comoving units) at temperature T and that we assume matter domination in writing Eq. 74.
The above approximations for the damping scales are approximate in that we assume l ν,γ ≪ λ.
This approximation necessarily breaks down during the decoupling epochs for either photons or fields give rise to random fields which do not necessarily satisfy |b| ≪ |B|, these primordial fields are not in general force-free and generate fluid flows. The damping of the flow may not erase completely the substructure of non-propagating modes but it will tend to smooth the field configuration. Only if some mechanism creates force-free primordial fields, then no flow is generated by the fields and no damping occurs.
Conclusions
In this paper, we studied the effects of viscous damping on the propagation of MHD modes.
This was accomplished by deriving the linearized MHD equations for an expanding viscous fluid in the infinite conductivity limit. Dissipation was included, quite generally, by the introduction of fluid shear viscosity, bulk viscosity and heat conductivity. We solved the dispersion relations for propagating modes under the assumption that pressure is dominated by radiation. Our main result is that not only sound waves but all MHD modes are efficiently damped on all scales up to the particle diffusion length. We expect this result to hold quite generally even in the case where magnetic field configurations are not adequately described by linearized MHD.
We have applied our results to the evolution of MHD waves in the early universe. We found that damping due to neutrino diffusion helps ensure that magnetic fields generated prior to neutrino decoupling satisfy primordial nucleosynthesis bounds. The observed element abundances require that during nucleosynthesis the energy density in magnetic fields must be less than one-third of the photon energy density (Kernan, Starkman, & Vachaspati 1995; Cheng et. al 1996) . Even if processes prior to neutrino decoupling generate magnetic fields with initial energy density comparable to the photon energy density, neutrino damping causes the magnetic energy density to decrease substantially relative to that of radiation by the time of nucleosynthesis.
Satisfying nucleosynthesis constraints on magnetic fields created prior to neutrino decoupling is, therefore, eased by neutrino damping.
When following the MHD modes through recombination, we found damping on scales below the Silk mass, ≃ 10 13 M ⊙ . The corresponding decay of magnetic energy density adds further difficulties to the already non-trivial task of generating primordial magnetic fields strong enough to explain galactic fields without the aid of dynamo amplification. The Silk mass also provides a general ultraviolet cutoff for primordial magnetic fields, strongly limiting the ability of magnetic fields to form structure on the scale of galaxies. In particular, the smallest mass scale for density perturbations generated solely by primordial magnetic fields would correspond to M dγ /8 (Kim, Olinto & Rosner 1996) , which is significantly larger than a typical galaxy mass.
Our results may have further applications in other astrophysical environments, for example, in stellar magnetospheres or magnetized accretion disks.
